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Abstract. Initial results are presented from 3D MHD modelling of stellar-wind bubbles
around O stars moving supersonically through the ISM. We describe algorithm updates that
enable high-resolution 3D MHD simulations at reasonable computational cost. We apply the
methods to the simulation of the astrosphere of a rotating massive star moving with 30 km s−1
through the diffuse interstellar medium, for two different stellar magnetic field strengths, 10 G
and 100 G. Features in the flow are described and compared with similar models for the
Heliosphere. The shocked interstellar medium becomes asymmetric with the inclusion of a
magnetic field misaligned with the star’s direction of motion, with observable consequences.
When the Alfve´nic Mach number of the wind is ≤ 10 then the stellar magnetic field begins to
affect the structure of the wind bubble and features related to the magnetic axis of the star
become visible at parsec scales. Prospects for predicting and measuring non-thermal radiation
are discussed.
1. Introduction
There are many common physical processes and other similarities in the study of the Heliosphere
and of the astrospheres of massive stars, but also a few differences. Observations have shown
the structure of the Solar Wind [1, 2] and Heliosphere [3, 4, 5] in incredible detail, and global
3D computer models [6] have shown how these data can be interpreted in the context of
the magnetohydrodynamics of partially ionized plasmas. Much more limited observations are
possible for other Sun-like stars, but we can measure their mass-loss rates and some properties of
their stellar-wind bubbles [7]. Massive stars are much rarer than Sun-like stars and the nearest
are ∼ 102 pc distant [8], but their extreme luminosity helps with observing their astrospheres.
Winds and extreme ultraviolet (EUV; hν > 13.6 eV) radiation from massive stars are many
orders of magnitude stronger than for Solar-type stars [e.g. 9], and their wind bubbles [10] and
photoionized H ii regions [11] are of order parsec scale, ∼ 103× larger than the Heliosphere. The
mass of displaced interstellar material in the bow shock is correspondingly much larger, and this
means that it is often easier to observe the astrosphere around a massive star than that around
a Sun-like star.
Understanding the astrospheres of massive stars is more complicated than the Heliosphere
because of the different timescales involved. The size of the Heliosphere is D ≈ 100 A.U., and the
Sun is moving with velocity v? ∼ 10 km s−1, and so a dynamical timescale τd ≡ D/v? ∼ 102 years
can be estimated. This is many orders of magnitude shorter than the evolutionary timescale of
the Sun (∼ 1010 years), and shorter than the variation timescale for the local interstellar medium
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(ISM) properties encountered by the Heliosphere (i.e. density fluctuations are weak on 100 A.U.
scales). For massive stars, typical wind-bubble sizes are ∼ 1 pc (1 pc= 3.086×1018 cm) and space
velocities are again typically v? ∼ 10 km s−1, leading to τd ∼ 105 years. This is not too different
from the stellar nuclear timescale over which a massive star evolves significantly (∼ 106 years, or
shorter for helium-burning and later phases). Furthermore the insterstellar medium (ISM) often
has significant density fluctuations over the parsec length-scales traversed by a runaway massive
star over 105 years, and this means that the external ram pressure may change faster than the
astrosphere can relax to its equilibrium size and shape. Recent 2D simulations of the Bubble
Nebula [12] modelled a star moving through a uniform ISM, and some synthetic observations
such as predicted Hα intensity maps of the nebula show discrepency with observations because
the massive star BD+60◦ 2522 is apparently embedded in a medium of increasing density along
its direction of motion.
Pioneering 2D hydrodynamical simulations [13, 14, 15] have shown the complexity of
astrospheres from evolving and runaway stars in different environments. These wind-blown
bubbles have been studied for runaway massive stars of different masses for their entire
evolution [16], and also the expansion of a supernova explosion into the pre-shaped circumstellar
environment [17]. Magnetic fields have been included in astrosphere simulations for massive hot
stars [18, 19], but until recently only for 2D calculations with field geometry limited by the
rotational symmetry. A 3D implementation in spherical coordinates has recently been presented
and applied to astrospheres of massive stars [20]. The need for 3D simulations is twofold:
(i) it allows us to use a general ISM magnetic field orientation that is not parallel to the
direction of motion and/or rotation axis of the star being modelled; and
(ii) the forward shock is often radiative and highly compressed, subject to thin-shell instabilities
[21], which can lead to an artificial accumulation of dense gas along the symmetry axis in
2D calculations, compromising the validity of the solution [e.g. 12].
In this contribution we describe an upgrade of the pion magnetohydrodynamics (MHD)
software [22, 23] and some initial results of 3D MHD simulations of astrospheres.
2. Methods
pion is a finite-volume fluid-dynamics programme for solving the Euler [24] and ideal-MHD
[22] equations on a rectilinear mesh, including a raytracer coupled to a chemical-kinetics solver
to track the microphysical heating/cooling and the ionization of hydrogen by photoionization
and collisional processes [23]. We have recently added static mesh-refinement capabilities, to
make 3D simulations of wind bubbles tractable with modest computing resources. In brief, the
improvements consist of the following:
(i) We implemented coarse-to-fine interpolation (prolongation) to populate the boundaries of
refined grids with data from their parent grid, and fine-to-coarse averaging (restriction) to
update regions of coarse grids with more accurately calculated data from an underlying
finer-level grid [25].
(ii) We also implemented the boundary flux correction that ensures conservation of conserved
quantities across different grid levels [26].
(iii) We updated the raytracing algorithms for ionizing radiation from point sources so that they
work on a multiply nested grid.
(iv) We improved the Riemann solvers for HD and MHD, adding the robust (but diffusive) HLL
solver for cases where the more accurate Roe and HLLD solvers do not maintain positive
pressure or density [27].
The method is similar to some previous 2D algorithms [28, 29], using nested grids that differ
in spatial and temporal resolution by a factor of 2 at each level. For each dimension, the focus
Figure 1.
An example of the nested-grid con-
figuration for modelling a stellar-
wind bow shock. The overlaid grid
shows blocks of 323 grid cells. Log of
gas density plotted for a 3D hydro-
dynamic simulation, run with 3 lev-
els of refinement and 2563 grid cells
at each level.
of the nested grids can be at the centre or the negative or positive extremity of the coarsest
grid. More details will be presented in a forthcoming paper, to accompany a public release of
the software. An example of a slice through the midplane of a 3D hydrodynamic simulation of a
stellar-wind bow shock is shown in Fig. 1, where the grid shows blocks of 323 grid cells on three
levels of refinement, focused on the apex of the bow shock.
3. Results
A 3D MHD simulation of a stellar-wind bow shock was set up with parameters given in Table 1.
The ISM values are typical of the diffuse gas in the Galactic plane within a factor of 2, [16]
and the pressure is appropriate for photoionized gas at a temperature of T ≈ 104 K. The stellar
values are typical for a massive star, here moving with velocity v? = 30 km s
−1 through the ISM.
For these values, the standoff distance of the bow shock is
RSO ≡
√
M˙v∞
4piρ0(v? ∗ 2 + a2) ≈ 0.60 pc , (1)
where symbols are as defined in Table 1, and a ≈ 13.3 km s−1 is the adiabatic sound speed in the
photoionized ISM. This is where we expect to find the wind termination-shock in the upstream
direction.
A simulation was initialised with a coarse grid of 1283 grid cells and volume ≈ 83 pc (each cell
has diameter ∆x = 0.0622 pc). The simulation extents in the x-direction are x ∈ [−6.30, 1.67] pc,
and {y, z} ∈ [−3.98, 3.98] pc. The nested grids are centred on [1.67, 0, 0] pc, and the star is
placed at the origin. Two levels of refinement are added to the coarse grid, giving a finest level
cell-diameter ∆x = 0.0156 pc. The wind inner boundary is initiated at at radius of 0.311 pc,
corresponding to 20 grid cells on the most refined level. The same gas radiative heating and
cooling prescription as in ref. [12] was used, appropriate for photoionized gas with chemical
abundances close to that of the Sun. A second-order-accurate integration scheme (in time and
space) was used with the HLL Riemann solver to evolve the simulation.
Table 1. Parameters of the interstellar medium (ISM) and stellar wind for 3D MHD simulation
of a bow shock.
Parameter Value
ISM density, ρ0 2.0× 10−24 g cm−3
ISM pressure, pg 2.9× 10−12 dyne cm−2
ISM velocity, v [−30, 0, 0] km s−1
ISM B-field, B0 [4, 1, 1]× 10−6 G
Wind mass-loss rate, M˙ 10−7 M yr−1
Wind terminal velocity, v∞ 1500 km s−1
Surface rotation (equator), vrot 100 km s
−1
Surface split-monopole field strength, |B| 10 G
Surface temperature, Teff 35 000 K
This relatively low-resolution calculation takes approximately 3 × 103 core-hours to run to
completion. A higher resolution simulation with 2563 grid cells per level takes ∼ 5 × 104 core-
hours, and 5123 would take ≈ 106 core-hours. The weak scaling of pion for these simulations is
very good, and so it is feasible to run high-resolution calculations on many cores in a few days
to a few weeks.
Results at t ≈ 0.32 Myr (τd = 16 if we use RSO as the size scale) are plotted in Fig. 2 for
(a) ρ and (b) |B| in the x-z plane. The wind termination-shock and contact discontinuity are
easily discernable in both panels, as is the bow shock produced by the supersonic motion of the
star through the ISM. Already in Fig. 2 we can see morphological differences with respect to a
hydrodynamic solution: the compression of the bow shock is larger in the upper half-plane than
the lower, because of the orientation of the ISM magnetic field. Without a magnetic field the
solution should be axisymmetric, modulo instabilities that can form [14]. This would result in
a brighter bow shock when observed in optical spectral lines such as Hα and [O iii] (5007A˚),
for which the emissivity is ∝ ρ2 in photoionized gas. The wake behind the bow shock is also
distorted by the ISM magnetic field and is no longer axisymmetric about the x-axis. Both of
these effects could introduce a systematic uncertainty in interpreting observations if one uses
the symmetry axis of a bow shock to infer the direction of motion of the star. The distortions
get stronger as the interstellar magnetic field strength increases.
Fig. 2 (b) shows the magnetic structure of the astrosphere. The Parker spiral from the
rotating star ensures that B ∝ r−1 near the equatorial plane and B ∝ r−2 near the poles,
with a current sheet at the equator across which the field lines switch from directed inwards to
directed outwards. The current sheet is preserved across the termination shock and is swept
back (in the upper half-plane) along the contact discontinuity. The very weakly magnetised
regions emanating from the poles are also swept downstream in the shocked wind into the wake.
These features are consistent with MHD modelling of the Heliosphere [6] except that the length
scales are 103× larger.
The current sheet in the equatorial plane does not affect the structure of the wind bubble
as long as the wind is only weakly magnetised, but if (keeping other parameters constant) the
stellar surface field is increased to 100 G (allowed by observational upper limits for most O stars
[30]) then some effects can be noticed in the shocked wind, shown in Fig. 3. Here, panel (a)
shows an increased density in the equatorial plane in the freely-expanding wind (not present for
stellar field of 10 G), driven by the pressure gradient that arised from reconnection the current
Figure 2. (a) Gas density, log10
{
ρ/(g cm−3)
}
, and (b) magnetic field magnitude, log10(|B|/G),
in the x-z plane through y = 0 are plotted on a logarithmic scale as indicated, for a 3D MHD
simulation of a bow shock produced by a massive star. The star is at the origin and moving in
the +xˆ direction. The magnetic axis of the star is zˆ, the stellar surface field is B = 10 G, and
the upstream ISM field is B0 = [4, 1, 1]× 10−6 G.
Figure 3. As Fig. 2 but for a simulation with a 10× stronger stellar surface field of B = 100 G.
sheet and the associated very low magnetic pressure. The contact discontinuity also moves closer
to the star just below the equator in the upstream direction. Both of these effects become more
pronounced if the stellar surface magnetic field is increased further. This is possibly related to
the numerical issue in Heliosphere simulations, where a V-shaped structure forms on the contact
discontinuity in ideal-MHD simulations [31]. This feature was shown to be strongly dependent
on the numerical resolution at the current sheet, and disappeared with the inclusion of neutrals
as a separate fluid [6, 32].
Fig. 3 (b) also shows that the magnetic field in the shocked wind bubble is about the same
strength as the ISM field, and there is no sharp change in the field strength across the contact
discontinuity in the upstream direction. Assuming that the wind termination-shocks of massive
stars are reasonably efficient at accelerating electrons, this could have observable consequences.
2D hydrodynamic simulations with an analytically estimated magnetic field strength have been
used to predict synchrotron radiation from bow shocks [33]. Their calculations show that the
relativistic electrons are well-confined in the wind bubble and so the synchrotron radiation is
dominated by emission from within the wind bubble if the wind has comparable magnetic field
to the shocked ISM. This is in strong contrast with Bremsstrahlung which is dominated (at
radio frequencies) by the photoionized and shocked ISM, external to the wind bubble, because
the thermal electron density is orders of magnitude larger in the shocked ISM than in the wind
bubble. Sensitive radio observations could disentangle these two components and constrain the
stellar surface magnetic field and the particle acceleration efficiency [34, 35]. Application of the
method of [33] to 3D MHD simulations, where the magnetic field is calculated self-consistently
with the fluid dynamics, is an interesting avenue for making more detailed predictions of non-
thermal radiation.
4. Outlook
We have presented some initial results from 3D MHD modelling of stellar-wind bubbles around
O stars moving supersonically through the ISM. Algorithm updates have also been briefly
described which enable high-resolution 3D MHD simulations of the astrospheres of massive
stars at reasonable computational cost. A paper describing the algorithms and tests is currently
in preparation, and we are beginning to apply the methods to the astrospheres of some well-
known runaway stars, e.g., BD+60◦ 2522 and the Bubble Nebula that surrounds it [12], and
BD+43◦ 3654 and its parsec-scale bow shock [34].
For a stellar magnetic field strength of 10 G and wind properties given in Table 1, the
stellar magnetic field does not significantly affect the structure of the astrosphere, whereas
the interstellar field does change the morphology of the bow shock to some extent. For this case
the Alfve´nic Mach number of the wind isMA ≈ 70, and so the magnetic pressure is significantly
less than the ram pressure in the unshocked wind and less than the thermal pressure in the
shocked wind. The interstellar MA ≈ 3.5 and so the magnetic effects on the shocked ISM are
correspondingly more evident.
With a 100 G stellar field, the Alfve´nic Mach number of the wind is onlyMA ≈ 7, and so the
magnetic pressure in the shocked wind is signficant but still smaller than the thermal pressure.
The Axford-Cranfill effect means that the importance of magnetic pressure increases outwards
in the shocked wind; for a review see [36] and for a recent application to wind bubbles of
massive stars see [37]. This introduces small changes to the shape of the wind bubble, especially
near the magnetic equator at the contact discontinuity. An even stronger stellar field would
be expected to produce a wind bubble that is signficantly affected by magnetic effects. In that
case the boundary condition that we impose is probably not appropriate anyway and a more
complicated wind injection method would be required. Nevertheless, our results show that for
MA ≥ 10 the effects of the equatorial current sheet on the flow dynamics are modest, and
decreasing as MA increases. The ideal MHD algorithms that are presented here are therefore
adequate to describe astrospheres from the majority of massive stars.
3D MHD simulations have significantly more predictive power than hydrodynamic
calculations because (with some assumptions) the non-thermal radiation from the nebula can
be calculated more realistically. This holds the promise of constraining the efficiency of particle
acceleration in stellar-wind shocks, a topic of considerable interest [34, 35, 38] for current and
upcoming observing facilities.
Acknowledgments
JM acknowledges funding from a Royal Society-SFI University Research Fellowship (14/RS-
URF/3219). SG is funded by a Hamilton Scholarship from the Dublin Institute for Advanced
Studies. MM acknowledges funding from a Royal Society Research Fellows Enhancement Award
(RGF\EA\180214). We acknowledge the SFI/HEA Irish Centre for High-End Computing
(ICHEC) for the provision of computational facilities and support (project dsast022c).
References
[1] Bale S D et al. 2019 Nature 576 237–242
[2] Kasper J C et al. 2019 Nature 576 228–231
[3] McComas D J et al. 2009 Science 326 959
[4] Dialynas K, Krimigis S M, Mitchell D G, Decker R B and Roelof E C 2017 Nature Astronomy
1 0115
[5] Zank G P, Nakanotani M and Webb G M 2019 ApJ 887 116
[6] Pogorelov N V, Zank G P and Ogino T 2006 ApJ 644 1299–1316
[7] Wood B E, Mu¨ller H R, Zank G P, Linsky J L and Redfield S 2005 ApJL 628 L143–L146
(Preprint astro-ph/0506401)
[8] Gvaramadze V V, Langer N and Mackey J 2012 MNRAS 427 L50–L54 (Preprint 1209.
0455)
[9] Langer N 2012 ARA&A 50 107–164 (Preprint 1206.5443)
[10] Castor J, McCray R and Weaver R 1975 ApJL 200 L107–L110
[11] Mackey J, Gvaramadze V V, Mohamed S and Langer N 2015 A&A 573 A10 (Preprint
1410.0019)
[12] Green S, Mackey J, Haworth T J, Gvaramadze V V and Duffy P 2019 A&A 625 A4
(Preprint 1903.05505)
[13] Garc´ıa-Segura G, Langer N and Mac Low M 1996 A&A 316 133–146
[14] Comero´n F and Kaper L 1998 A&A 338 273–291
[15] Blondin J M and Koerwer J F 1998 NewA 3 571–582
[16] Meyer D M A, Mackey J, Langer N, Gvaramadze V V, Mignone A, Izzard R G and Kaper
L 2014 MNRAS 444 2754–2775 (Preprint 1408.2828)
[17] Meyer D M A, Langer N, Mackey J, Vela´zquez P F and Gusdorf A 2015 MNRAS 450
3080–3100
[18] van Marle A J, Meliani Z and Marcowith A 2015 A&A 584 A49 (Preprint 1509.00192)
[19] Meyer D M A, Mignone A, Kuiper R, Raga A C and Kley W 2017 MNRAS 464 3229–3248
(Preprint 1610.00543)
[20] Scherer K, Baalmann L R, Fichtner H, Kleimann J, Bomans D J, Weis K, Ferreira S E S
and Herbst K 2020 MNRAS 493 4172–4185 (Preprint 2002.06966)
[21] Dgani R, van Buren D and Noriega-Crespo A 1996 ApJ 461 927
[22] Mackey J and Lim A J 2011 MNRAS 412 2079–2094 (Preprint 1012.1500)
[23] Mackey J 2012 A&A 539 A147 (Preprint 1201.5651)
[24] Mackey J and Lim A J 2010 MNRAS 403 714–730 (Preprint 0912.1499)
[25] To´th G and Roe P L 2002 Journal of Computational Physics 180 736–750
[26] Berger M J and Colella P 1989 Journal of Computational Physics 82 64–84
[27] Mignone A, Zanni C, Tzeferacos P, van Straalen B, Colella P and Bodo G 2012 ApJS 198
7 (Preprint 1110.0740)
[28] Yorke H W and Kaisig M 1995 Computer Physics Communications 89 29–44
[29] Freyer T, Hensler G and Yorke H W 2006 ApJ 638 262–280 (Preprint arXiv:astro-ph/
0512110)
[30] Fossati L et al. 2015 A&A 582 A45 (Preprint 1508.00750)
[31] Washimi H and Tanaka T 2001 Advances in Space Research 27 509–515
[32] Washimi H, Zank G P, Hu Q, Tanaka T and Munakata K 2015 ApJ 809 16
[33] del Valle M V and Pohl M 2018 ApJ 864 19 (Preprint 1807.05895)
[34] Benaglia P, Romero G E, Mart´ı J, Peri C S and Araudo A T 2010 A&A 517 L10 (Preprint
1007.3279)
[35] del Palacio S, Bosch-Ramon V, Mu¨ller A L and Romero G E 2018 A&A 617 A13 (Preprint
1806.10863)
[36] Zank G P 1999 Space Science Reviews 89 413–688
[37] Zirakashvili V N and Ptuskin V S 2018 Astroparticle Physics 98 21–27 (Preprint 1712.
02174)
[38] H. E. S. S. Collaboration et al. 2018 A&A 612 A12 (Preprint 1705.02263)
